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Abstract 

Young stars, those less than 100 Myr old, provide much information about the formation 
of planetary systems. The study of such objects is impossible without reliable indicators 
of stellar youth. The most reliable age diagnostic, placing candidate stars on an HR 
diagram, hinges on knowing the luminosity. We avoid the need to measure this quantity 
by finding the star's surface gravity instead. Using computer-generated spectra, we com
pare individual spectral lines in our data to models of known gravity. By minimizing the 
chi-square of the difference between the fluxes of the data and the model, we arrive at a 
best-fit value of log g, Te ff , and v sin i . The gravity value also fixes the star 's position on 
an HR diagram as either above the main-sequence, or on it . We find that this technique 
is, by itself, insufficient to constrain log g well enough to determine the appoximate age 
of stars. 



Chapter 1 

Young Stars and T Tauri Stars 

A young star is a curious thing. Main sequence stars have existed for more than 
hundreds of millions of years with fusion-powered cores of million degree plasma twenty 
times denser than solid iron. These stars originate in giant molecular clouds (G M Cs) , 
immense regions where the extreme cold, only 10 K above absolute zero, allows simple 
molecules to stabilize. A typical GMC spans over a hundred light years while containing 
roughly one thousand atoms per cubic centimeter [5]. Yet despite these conditions, giant 
molecular clouds are able to produce, in great quantities, some of the densest, hottest, 
and brightest objects in the galaxy. Young stars are the intermediate step between the 
two extremes. 

Stellar birth is the process that joins the disparate regimes of giant molecular clouds 
and stars. If a region within a cloud experiences a disturbance large enough to disrupt 
its equilibrium, that volume of gas will begin a slow gravitational collapse, the end result 
of which is a new star. It is here that the first problem of studying young stars becomes 
apparent: when does a patch of gas embedded in an immense cloud become a separate, 
autonomous object? More generally, young stars require a special classification system 
that distinguishes them from primordial nebulae as well as from middle-aged stars like 
the sun. 

While the term "young star" brings to mind a strictly age-based definition, age is not 
the only, or necessarily the most useful, way of classifying protostars. While it is true that 
the length of time a star has existed as a distinct entity is a quantitative measurement 
of how young it is, this value alone does not contain the complete picture. First of all, 
there is the problem of how to define the birth of a star. Second, and more importantly, 
a star's evolutionary status depends on more than one variable. For example, a 1 M8 
star can burn for 50-100 Myr before it reaches the main sequence, but a 15 M8 star will 
only take 104 years - by the time it is 10 Myr old, it will have already left the main 
sequence [3]. The galaxy contains many regions of star formation. Stars that form in 
these different clouds may have different mass or metal content and exist in sufficiently 
different environments so that the timescales of their evolution will vary from star to star. 
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Knowing the age of a star is only the first step to understanding stellar evolution and 
completely describing how stars change with time. In short, different stars take different 
amounts of time to form, and to fully grasp the formation process , physical properties of 
the star must be determined. 

Age cannot be the only criterion for the classification of young stars. It is often more 
useful to categorize stars by their stage of development. A star's physical characteristics, 
especially mass, will ultimately determine the age at which it enters a given stage of its 
evolution, but the stages themselves are another way to classify how a star ages. It is not 
enough to think of a star's age as simply a length of time; age must be viewed as a position 
in a star's overall development relative to other stars. All stars pass through roughly the 
same stages, but they do so at different times. The situation is roughly analogous to a 
child's development. An infant's age in years can give an generalized picture of his or her 
level of maturity, social skills, and physical development, but to fully understand how a 
child ages, it is desirable to know how these factors change as a function of age. The 
"youth" of a star is a similarly relative quantity, dependent both upon its actual age and 
upon the star's position in an evolutionary track. 

What characterizes the evolutionary status of a star, and in particular, that of a young 
star? We must , at this point, define a few terms. There is a point at which a collapsing 
cloudlet within a star-forming nebula becomes a star that we will call the birth. There 
is a also point at which that star has existed long enough that it has lost most of the 
properties characteristic of its birth and settled into a period of relative constancy that 
we will call middle age. We will define a young star to be a star that is between its birth 
and middle age. For this definition to be useful, these boundary stages (as well as any 
stages in between) must be physically meaningful and not arbitrary distinctions. 

Defining a star's birth requires a judgment on when exactly a ball of gas becomes 
a star. Stars typically originate in giant molecular clouds (GMC). These clouds are 
characterized by being large, cold, and diffuse compared to stars. A cloudlet within a 
GMC, then, is not a distinct entity as long as it retains these properties, even if it is in the 
process of collapsing into a star. We will say that a contracting cloud becomes a young 
star once the gas in it is optically thick at some wavelength [3]. At this point , the density 
of the gas has reached at least 10-13 grams per cubic centimeter and the cloud itself is 
roughly 5 AU in radius. The protostar is physically distinct from the rest of the GMC. 
Once the gas is optically thick, it also becomes possible to measure the star's effective 
temperature and thus to place the star on an graph of luminosity vs. temperature known 
as an HR diagram. Stahler and Palla refer to the set of these points for stars of all 
masses as the birthline [16]. Essentially, this point marks the first time that we can begin 
treating this object like a star. 

Once we have started treating the object like a star, there is the question of when 
we should stop. What changes have to happen to an optically thick collapsing cloudlet 
before we can no longer call it young? The standard cutoff point for young stars is the 
zero-age main sequence (ZAMS). This is the point at which the star initiates hydrogen 
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fusion in its core and attains full hydrostatic equilibrium. The fact that young stars do 
not possess these two qualities emphasizes the differences between middle aged stars and 
stars that are still forming. 

The study of the evolutionary stages that span a star's youth has been a very active 
field since the discovery of the first recognizably pre-main-sequence (PMS) stars by Joy 
in the 1940's. Astronomers created a class of variable stars called T Tauri Stars (TTS) 
when they discovered similar properties in all of them [2]. Later, it was determined 
that many of these properties signify youth. More specifically, a set of spectral features 
indicative of youth were found. It is the study of stars with all or some of these features 
that can shed light on how stars evolve from a dense cloudlet to the ZAMS. 

One evolutionary step of particular interest is how T Tauri stars approach the main 
sequence. The T Tauri phase is characterized by features in a star's spectrum that suggest 
the presence of a circumstellar disk. Most notably, these features are strong Ha emission 
and excess infrared and ultraviolet emission. Disks are very rare in main-sequence stars, 
so at some point in their evolution, T Tauri stars lose their disks. This is part of the 
transition between the TTS phase and the post T Tauri phase. While a great many 
TTS have been found simply by looking at known star-forming regions, post-T Tauri 
Stars (PTTS) are more difficult to locate. These stars have existed for long enough that 
they have left the cloud of their birth and cannot be found as easily. One reason we 
seek to find such stars is that the study of young stars both with and without disks 
can provide a rough timescale for disk depletion, which is important in many theories of 
planet formation. Essentially, young stars provide a laboratory in which different stages 
of planetary evolution are all occurring at once. Right now, the challenge is to locate 
such stars and measure their properties to learn more about pre-main-sequence stellar 
evolution and the formation of planets. 

The first step is to locate young stars. We require a series of diagnostics that can 
distinguish between main-sequence stars and TTS or PTTS. There are spectroscopic 
diagnostics for locating TTS, as mentioned before, but these are not perfect. Looking at 
particular spectral features, such as Ha emission lines, places an intrinsic bias into the 
search. We now know that only young stars with disks exhibit strong Ha emission. If 
we did not know and attempted to locate young stars by looking only at Ha, we would 
only find a subset of young stars: those with disks. 

A far more absolute method of age determination is placement of the star onto an 
HR diagram. If this can be done, a star's status as pre-main-sequence can be easily 
confirmed. The problem with this technique is that it necessitates a measurement of the 
star's luminosity, a notoriously difficult problem for stars with unknown distance. Fortu
nately, there are strong correlations between luminosity and spectroscopically measurable 
properties of young stars. One of these quantities is surface gravity, which greatly affects 
the pressure broadening of certain spectral lines. If we can determine this value, we can 
effectively bypass the problem of luminosity and place the star on a modified HR diagram 
to determine its age. Several questions still remain: how can surface gravity be used as a 
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stand-in for luminosity, how can it t ell us about the age of stars , and what is its spectral 
signature? 
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Chapter 2 

The Theory of Surface Gravity 

2.1 What is Surface Gravity? 

Surface gravity is defined as the gravitational acceleration at the surface of an object. 
Typically, this quantity is used to describe large, spherical celestial bodies. In such a 
case, the surface gravity, g, is given by 

GM 
9 = R2 (2.1.1) 

where G is the gravitational constant, M is the mass of the body, and R is its radius. 

2.2 What defines the surface of a star? 

Before we continue, we must make some remarks about the idea of a "surface." The 
surface of a star is a much hazier boundary than it is for everyday objects. When most 
people talk about the surface of a table, a beach ball, or the Earth, they are referring to 
the very sharp density falloff between the object and its surroundings. A table does not 
gradually blend into the air above it; it abruptly stops and the air begins. The boundary 
between the two we call the surface, though a more precise term might be the "physical 
surface," since that is where the physical extent of the object actually ends, as opposed 
to where it appears to end. Not coincidentally, for everyday objects, the physical surface 
is precisely the same as the surface that we can see. The light that comes from an object, 
in almost all normal cases, does not come from some location above or below the object's 
physical edge . The point of departure of light leaving the object is best described as 
its "optical surface." This idea is not especially relevant for most objects, but becomes 
very important for analyzing things we can see but cannot touch. If we can touch, hold, 
or otherwise physically manipulate something, it is easy to learn a lot about it without 
worrying about its optical surface (especially if that surface is identical to the physical 
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surface). If, however, all we can do to an object is look at it, we must learn everything 
about it by looking at the light we receive from the optical surface. 

Stars are perfect examples of objects that must be studied though their optical sur
faces. The picture is further complicated from the above discussion for two reasons: the 
physical surface of a star is not the same as its optical surface and the location of the 
optical surface itself is wavelength dependent. The first is seen most easily in the fact 
that the physical surface of a star is not a particularly well-defined boundary. A star 
does not have an abrupt density drop-off like a bowling ball. Rather, the condition of 
hydrostatic equilibrium requires that the mass density decrease exponentially into the 
surrounding medium. While it is possible to define a density scale height or a point in 
the radius of the star at which the density has decreased by a factor of e, there is no 
definite physical surface analogous to a table-top. In a static, isothermal atmosphere 
composed of hydrogen, the density scale height is given by 

(2.2.1) 

where k is Boltzmann's constant, T is the temperature, mH is the mass of hydrogen, and 
g is the surface gravity at the base of the atmosphere. For the sun's photosphere, the 
density scale height is approximately 350 km. This gives H / R8 = 5.0 X 10- 4 , so the edge 
of a star is not entirely hazy, but still somewhat ill-defined. 

Fortunately, the physical surface of a star does not matter a great deal to us. As 
we have said before, we must obtain information about stars by looking at their optical 
surface. This surface is not associated in any way with a sharp density drop-off. The 
optical surface of the star is called the photosphere and it corresponds to the place in the 
star where light is able to escape the stellar atmosphere. A particularly useful quantity 
for discussing how far light travels is the optical depth, defined along a path length s 
from some point within a stellar atmosphere to its surface as 

(2.2.2) 

where p is the mass density and /'i,v is the frequency dependent absorption coefficient , or 
absorption cross-section per unit mass. The absorption coefficient describes how much 
light is absorbed by particles in the atmosphere , and the optical depth describes the 
number of mean free paths from a photon's starting position in the atmosphere to the 
surface. After the light reaches the surface, it travels relatively unimpeded to Earth. 
The photosphere is defined by the Eddington-Barbier formula as the point in the star at 
which the optical depth T is equal to 2/3. 

The optical depth is a strongly wavelength-dependent quantity. For a given frequency 
v, there is a single radius in the star at which Tv = 2/3. If our definition of the pho
tosphere is to include all regions in the star from which light escapes, we must define 
the photosphere to be the band that encompasses every location for which Tv = 2/3 
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for all 1/ . Typically, this region is between 100 km and 500 km thick [3]. Because 
this region is so small compared to the total size of the star (in the case of the sun, 
Rphotosphere/ R 8 = 7.2 x 10- 4 ), we make the approximation that the surface gravity is 
constant over the photosphere. 

2.3 Surface Gravity and Stellar Properties 

2.3.1 Radius 

It is intuitive from the definition of surface gravity (equation 2.1.1) that as the radius 
changes, 9 changes as well. Surface gravity depends on mass too, so knowledge of the 
value of 9 does not define a specific radius. If a star is known to be on the main sequence, 
the unknown mass problem can be circumvented by use of a well-known relationship 
between mass and radius. Allowing for slight variations due to metallicity, if a star 
is ZAMS, there is only one radius it can have for a given temperature, so 9 uniquely 
determines both mass and radius. 

We, however, are not so lucky. Pre-main-sequence stars change their radius with time, 
and since stellar ages are not known, the variables become degenerate. The best that we 
can say is that for a given mass, surface gravity is a function only of radius. We are aided 
by the fact that the dependence of 9 on R is stronger than it is for M, so that if the 
masses of the stars in our data sample, even if not known exactly, do not vary from each 
other by a great amount, then surface gravity is still a reliable radius diagnostic. That 
is, if two stars, both known have relatively low mass, have significantly differing surface 
gravities, then that difference is surely due to size and probably age. So, while giving us 
a general sense of the radius of a star, knowing the surface gravity alone is not enough 
to uniquely determine a star's position on an HR diagram. In order to do that , we must 
deal with luminosity directly. 

2.3.2 Luminosity 

As we have said, the photosphere is the optical surface of a star, the area from which 
we obtain most of our information, and the strength of gravity in this region is described 
by a single parameter: surface gravity. The gravitational acceleration in the photosphere 
is an important property because it has a measurable effect on the light we receive from 
the star. As previously mentioned, surface gravity is primarily a function of stellar size. 
This fact is reflected in the MK Stellar Classification system. Under this system, stars 
are divided into seven main spectral types, each of which is given a letter (from hottest to 
coldest: 0, B, A, F, G, K, and M). Within each letter class, a star is given a number from 
a to 9, lower being hotter, to further specify the temperature. The stars are also grouped 
into luminosity classes which depend on the surface gravity. The classes are numbered 
in Roman numerals I through V, with I being supergiants and V being main-sequence 
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dwarfs. So, despite the fact that most stars are so distant that they appear as point 
sources, light from stars of greater radius , regardless of their mass and temperatures, is 
quantitatively different from the light from smaller stars. 

What is the source of this effect? How exactly can gravity change the light radiated 
by stars? In the most general sense, we can see this by examining the luminosity equation 
for stars: 

(2.3.1) 

This relationship not only defines the effective temperature of a star, it describes the star's 
position on an HR diagram. Furthermore, Land T determine a curve of constant radius 
on the diagram, meaning any star placed on it has its radius completely determined. 
Using the definition of surface gravity (equation 2.1.1), however, we can eliminate R 
from the equation completely: 

(2.3.2) 

This puts us in the position to restructure the HR diagram by changing the independent 
variable from L to g. 

(2.3.3) 

The above relationship is exactly analogous to equation 2.3.1. Here, T and g determine 
a star's position on an HR diagram and define a curve of constant M / L. We have 
sidestepped the problem of unknown luminosity; the only unknown remaining is the 
stellar mass. Given a reasonable mass estimate, using only temperature and surface 
gravity, we are able to fix a star 's position on the diagram determine its age. 

2.3.3 Pressure 

Just as the strength of gravity on the surface of the Earth is a reasonable indicator of 
some of the conditions there, so too is the surface gravity of stars. Furthermore, since the 
surfaces of stars are arguably less complex than the surface of the Earth, it is possible to 
obtain much more information about them from the strength of gravity alone. Gravity 
and gas pressure are the two primary forces that act within a low-mass star. In most 
cases, pressure and gravity strike an exact balance throughout the volume of the star. 
Anywhere in the star, if we know the force of gravity, we know what the pressure gradient 
must be in order to counterbalance it. This relationship, called hydrostatic equilibrium, 
allows us to use knowledge of the surface gravity to tell us something about the surface 
pressure, and vice versa. 

The stars we are studying, however, are not in hydrostatic equilibrium. PMS stars are 
constantly contracting toward their main-sequence radius, and the gas pressure changes 
as a result. The previous analysis would seem to be faulty, since pressure and gravity 
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are not in a well-defined balance. We can, however, say that they are approximately 
balanced if the contraction occurs over an appropriately slow timescale. If the amount 
of time it takes the radius of the protostar to change is much longer than the amount of 
time it takes pressure to "re-balance" gravity after such a change in radius takes place, 
then the contraction is called quasi-static. 

We shall quantify the timescales in question. The typical approximation for the 
amount of time it takes a given protostar contract to its main sequence size is called the 
Kelvin-Helmholtz gravitational contraction time. Simply put, it is the amount of time it 
would take a star to radiate away all of its current gravitational energy if it continues to 
radiate at its current rate. If n is the total amount of gravitational potential energy in 
the star, and L is the luminosity of the star, then the Kelvin-Helmholtz time is: 

n =iCM2 
t - - -".5 __ 
KH - - L - RL (2.3.4) 

From this equation, we can see that if the star is radiating energy at a constant rate, 
without losing any mass, the radius must decrease. As the radius decreases, t K H must 
increase. If, however, we start at any point in a star's pre-main-sequence life, the star will 
have shrunk by a factor of e during this period, owing to the exponential rate of energy 
loss as a function of time. How long is this for a typical PMS? A typical 1 M0 protostar 
has R = 4.92R0 and L = 7.1L0 [16]. Thus, tKH is around 8.7 x 105 years, meaning the 
star's radius changes appreciably over periods of roughly this amount of time. 

When the radius shrinks, even if the forces of pressure and gravity were balanced 
before, they will no longer be until the star 's interior adjusts itself to account for the 
changing radius. As the radius falls, the force of gravity rises everywhere in the star 
at once and the pressure must rise to account for it. As with any gas confined to a 
shrinking volume, the pressure will rise, but it takes some time for pressure waves carrying 
information about the radius change to propagate through the entire volume of the star. 
The timescale for pressure readjustment can be characterized by the sound travel time, 
defined by ts = R/as, where as is the sound speed in the star. This is given by: 

(2.3.5) 

Here, r = 5/3 for pure hydrogen gas, p is the mean mass density and P is the mean 
pressure, which we eliminate by employing the ideal gas law. We are left with the sound 
speed in terms ofT, the mean temperature of the star. Using the method of Collins [4], we 
have that the volume-averaged temperature in kelvin of a uniform sphere in hydrostatic 
equilibrium with mean molecular weight /-L, mass M, and radius R is given by 

(2.3.6) 
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with the derivation in [4]. Substituting this value into equation 2.3.5, we obtain 

_ (rGM )1/2 
as -

3R 
(2.3.7) 

For a 1 M 0 star with radius 4.92R0 ' the speed of sound is approximately 150 km S- l. The 
sound travel time, t s , is then roughly 6.5 hours. Compare this to the Kelvin-Helmholtz 
timescale, which was nearly one million years. 

This analysis tells us that a collapsing star is able to internally change its pressure nine 
orders of magnitude faster than its radius is able to contract. So while any star whose 
radius is continuously decreasing is certainly not in exact hydrostatic equilibrium, the 
radius changes slowly enough and the pressure compensates for the resulting change in 
gravity fast enough, that the star can be considered quasi-hydrostatic. We can assume, 
therefore, that at any given time the star obeys the equation of state for hydrostatic 
equilibrium, but overall its radius is shrinking as a function of time. 

This may seem a trivial derivation, but it is essential for linking surface gravity to 
surface pressure. Although, hydrostatic equilibrium itself does not provide an exact 
correspondence between pressure and surface gravity. In order to find pressure as a 
function of g, the equations of stellar structure must be solved numerically. We will 
not present such a derivation. It is sufficient for our purposes to know that gravity and 
pressure are strongly related in the atmospheres of stars. Note that we are not going 
to actually use the gravity to find the pressure. In fact, we are going to do exactly 
the opposite. Since surface gravity is a diagnostic for age, as discussed in the previous 
sections, then if we want to know the age, it behooves us to find the surface gravity. 
However, since surface gravity is related to pressure, we can find the surface gravity 
by looking for the pressure at the surface, which manifests itself in many of the visible 
features of stars. 

2.4 The Formation and Shape of Absorption Lines 

The radiation generated in a stellar core does not pass unimpeded through the star's 
atmosphere. The trace amount of non-hydrogen, non-helium "metals" in the outer layers 
of star is enough to absorb a great deal of starlight at wavelengths corresponding to elec
tronic transitions between the states of electrons in atoms. Each one of these transitions 
has a very specific amount of energy associated with it. The exact quantity of energy 
required for an electron to make the transition is equal to the difference between its en
ergy in the final state and its energy in the initial state, no more, no less . In a universe 
free of complications, where atomic transitions can absorb light at only one frequency, 
absorption lines would appear as delta functions on a continuous spectrum. In real stars, 
however, there exist broadening mechanisms that permit light with energy that does not 
correspond exactly to the transition energy to nonetheless cause the atom to undergo 
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the transition and thus be absorbed. As a result, spectral lines exhibit finite widths and 
quantifiable shapes that change according to the dominant broadening mechanism for a 
particular line. 

The shape of any real spectral line is the convolution of all the shapes of the profiles 
of every broadening mechanism in the star. Though, depending on the particular line 
and the characteristics of the star, some broadening mechanisms overpower others, and 
sometimes the effects of a particular mechanism can only be seen in specific parts of 
certain lines. There are two important broadening mechanisms for the discussion of the 
spectroscopic determination of surface gravity. In order of importance, these are: surface 
pressure and rotation. 

2.4.1 Pressure Broadening 

The Stark Effect 

Also known as collisional broadening, pressure broadening results from a shift in the 
energy levels of absorbing atoms brought about by the presence of external electric fields. 
The shift in the energy levels causes atoms to absorb light that is not at the usual 
transition frequency. Such a shift is an example of a quantum mechanical process known 
as the Stark effect. It is possible to derive the exact energy level shift for a hydrogen 
atom, a la Shankar [15]. A simpler but nonetheless demonstrative case is that of the 
quantum harmonic oscillator. We will, following the method of Shankar, consider the 
oscillator to be a particle of charge q and mass m in the standard potential V = ~mw2x2. 
The Hamiltonian is then given by: 

p2 1 2 2 
Ha = - + -mw X 

2m 2 
(2.4.1) 

The solution to the time-independent Schrodinger equation for this Hamiltonian yields 
evenly spaced energy levels that are represented, along with the potential function, in 
figure 2.1. The lines represent the energy levels in the absence of an electric field. If we 
apply a constant field in the x direction with magnitude f , we must add a linear term to 
the Hamiltonian, as follows: 

I p2 1 2 2 
H = - + -mw X - qf X 

2m 2 
(2.4.2) 

This equation would, at first glance, seem to yield completely different solutions than 
Ha, but by completing the square, we can rewrite H' as 

H' = _p_2 + ~mw2 (X __ q_f_) 2 
_ ~_q2_f_2 

2m 2 mw2 2mw2 
(2.4.3) 

It becomes clear, then, that the new Hamiltonian is also a harmonic oscillator, but it 
differs from the unperturbed one in two ways. First , its center is offset by the factor 
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Figure 2.1: Schematic energy level diagram for a one-dimensional quantum harmonic 
oscillator , unperturbed by any electric fields. 

-qf /mw2. Second, each energy state has a constant value _q2 p /2mw2 added to it. 
which is precisely the energy shift we referred to above. Compare figure 2.2 to figure 2.1. 
The oscillator's energy levels have shifted due to the presence of the electric field. 

We have explicitly calculated the Stark effect for only the harmonic oscillator, but 
the same effect takes place in hydrogen or any other atoms that might be present in a 
stellar photosphere. In the presence of an electric field, either from an ion or free electron, 
the energy levels of an atom are shifted. A shift in the energy levels of an atom causes 
line broadening, because the position of the atom with respect to the field-generating 
charge determines the magnitude of the energy level shift , so different atoms will have 
slightly differently shifted levels and light of multiple frequencies close to the unperturbed 
transition frequency can be absorbed. 

The above process is called both "pressure broadening" and "collisional broadening," 
though in some sense neither of these terms describe exactly what is happening to the 
atoms in the star. While the atoms are not physically colliding, the amount of the energy 
shift is a function of the strength of the electric field, which is dependent on the density 
of ions in the photosphere. As with any non-degenerate gas, the density is also directly 
proportional to the pressure. One way of thinking about this kind of broadening, then, is 
to imagine that the photosphere of a star is full of ions and free electrons, each of which 
produces an electric field. The field of a point particle obeys an inverse-square law, so it 
will affect most strongly the atoms that are very close to it. We can approximate these 
close interactions as collisions, which will occur more frequently if the density or pressure 
in the photosphere is high. As the density rises, collisions happen more frequently and 
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Figure 2.2: Schematic energy level diagram of an oscillator under the influence of a 
perturbing electric field in the x direction. The energy level shift can be observed by the 
functional form of the perturbed potential. 

with greater effect (i. e. ions pass closer to atoms, which feel a stronger electric field and 
thus experience a greater energy level shift), and so the broadening effect is strengthened. 

Profile of a Pressure-Broadened Line 

If pressure acts as a broadening mechanism on lines generated in the photosphere , 
then what will we see in our spectrograph? The answer to this question is typically 
treated in two different, classical ways, both of which are approximations to a more 
robust quantum theory. We will discuss only the classical theories here. 

The first is known as impact phase-shift theory, or simply impact theory. In this ap
proximation, atoms are treated as though they radiate continuously at a given frequency 
Wo until a collision occurs. A perturbing ion that passes by the atoms is treated as an "im
pact," which serves only to interrupt the atom's radiation either by stopping it altogether 
or causing a discontinuous change in the phase of the emitted electromagnetic field. Both 
serve the same purpose: the sine-wave that represents the photon released by the atom 
has a finite length (this is sometimes referred to as a "wave train"). In terms of Fourier 
analysis, we can then say that the emitted photon contains more frequencies than simply 
Woo An infinite sinusoidal function can be thought of as having only one "component" in 
frequency space: its Fourier transform is a delta function. However , a finite sinusoid, or 
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an infinite series of them separated by discontinuous phase-jumps, cannot have just one 
frequency component. 

There is more than one way to think about the previous statement. The first is simply 
that if the Fourier transform of the finite sinusoid were a delta function , then the inverse 
Fourier transform should return the delta function to the finite sinusoid. Yet the inverse 
transformation of a delta-function returns to the infinite sinusoid, so there must be at 
least one other component to the finite wave-train other than woo Quantitatively, we can 
figure out what the other components are by looking at the finite wave as the product 
of an infinite wave and a finite step function whose duration is the same as the length of 
the finite wave. This kind of analysis is presented in Gray [7]. 

If we want to find the spectrum resulting from a given electric field, we must take the 
Fourier transform of the field, then square the result to obtain the spectral intensity. If 
E is the product of a sinusoid with frequency Wo and a step function of width T (where 
T is the length of time the atom is radiating) , the Fourier transform is a sinc function 
centered on woo The intensity, I, is then proportional to 

I(w) oc sinc2 [1fT(w - wo)] (2.4.4) 

Although we have only been discussing the case of one impact, the above method 
can be generalized to reveal the line absorption coefficient in the case where the atom 
undergoes a great many impacts, which will certainly be the case inside a hot photosphere. 

In the impact approximation, we assume that the duration of a collision is very short. 
If the collisions do not last for long, then in any small time interval dt, we do not expect 
more than one collision. We can then write the probability of N collisions occurring after 
a time t as a Poisson distribution. Let the mean time between collisions be To, implying 
that the rate of collisions is liTo. The mean number of collisions in time t is then tlTo , 
giving the following distribution for N collisions: 

(2.4.5) 

The probability of zero collisions occurring after a time t is obtained by taking N = 0: 

P(O , t) = Ae- t / To (2.4.6) 

where A is a normalization constant. To determine A, take the integral over all possible 
times t. We find that 100 / -1 1 A = e-t To = - (0 - 1) = -

o To To 
(2.4.7) 

So, the probability of an atom undergoing no collisions after a time interval t is given by 

(2.4.8) 
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In order to determine the total spectral intensity for many atoms undergoing collisions, 
we must take the sum of all of their individual intensities, as determined in equation 2.4.4. 
Each possible collision is weighted according to its probability of occurring. Collisions 
that occur less frequently can be thought of as producing less total intensity than ones 
that occur very often. The total intensity, fr, can be expressed as an integral over all 
time t of the intensity generated by every collision: 

(2.4.9) 

Note that we have rewritten the width of the sinc function as t, the time between colli
SIOns. The solution to this integral is 

1 
IT ~ --~----------~---

T07r(w - woF - (I/To)2 
(2.4.10) 

Example Lore ntzia n Pro fi le 
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Figure 2.3: An example Lorentzian profile in absorption. 

The key result is that pressure broadening produces a Lorentzian line profile, as shown 
in Figure 2.3. To eliminate the proportionality in equation 2.4.10, we must determine 
what is known as the collisional damping constant, which means determining To, the mean 
time between collisions. The derivation of this constant and its dependence on tempera
ture and pressure is presented in Collins [4], and involves making use of the classical path 
approximation, which states that the trajectory of the perturber is a straight line and is 
not affected by its encounter with the atom. Since we have already assumed that all the 
collisions are short, this approximation is reasonable. It breaks down, however, when we 
consider perturbers that pass very close to the atom. An electric field generated by an 
ion or free electron very close to the atom will be relatively strong, and thus will produce 
the greatest perturbations that account for the wings of the spectral line. So the impact 
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approximation gives the overall shape of the line's core. The exact shape of the wings 
and the damping constant are derived in Gray and Collins [7, 4]. Of particular interest is 
the collisional damping constant , which is proportional to the number density of particles 
as we discussed in the previous section. The profiles of collisionally broadened lines are 
a visible diagnostic of the surface pressure and gravity. 

2.4.2 Rotational Broadening 

A second, non-pressure related broadening mechanism is the rotation of the entire 
star. When a star rotates, half of it moves towards the observer and the other half moves 
away, as illustrated in Figure 2.4. Whenever light is emitted from a moving object, it 
is Doppler shifted according to the velocity of the object. When we observe a star in a 
telescope, we are receiving light emitted by the approaching half and the receding half 
at the same time, so our data consists of both red-shifted and blue-shifted images of the 
same spectral lines , since we can assume that absorption and emission occur uniformly 
over the star 's surface. If the star were nonrotating, a given line would peak at some 
frequency Vo. If the star is spinning, then the peak on the approaching side would appear 
blue-shifted, while the peak on the receding side would appear red-shifted. The line is 
effectively being "pulled" towards lower frequencies and higher frequencies at the same 
time. The overall effect is that the line becomes shallower and broader. 

Rotational broadening affects every line in a star 's spectrum. The strength of the 
broadening depends on the speed of the star's rotation, which can in some cases exceed 
100 km/s [12]. For stars rotating this rapidly, the broadening due to rotation overwhelms 
the broadening due to any other mechanism, making it difficult to measure effects from 
pressure. Rapid rotation is not too much of a problem, since most young stars with 
temperatures less than 6000 K have rotational velocities less than 20 km/s, with the 
average v for spectral type GOV being 10 km/s [12]. At this speed, the effect of rotation 
is roughly the same strength as the effect of pressure. There is some degeneracy between 
the two, but this can be eliminated by considering the fact that pressure broadening does 
not affect all lines equally, while rotation does. 

Note that it is not usually possible to measure the rotational velocity of a star directly, 
because the inclination angle is not known. This angle, denoted i, is the angle between 
the star's axis of rotation and the line of sight to the observer. The best we are capable 
of measuring without additional information is v sin i, which is the term we will adopt 
for the rest of this analysis. 
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Figure 2.4: Schematic of a rotating star. The left edge is moving towards the viewer at 
velocity v and the right edge is moving away at - v . Any point between these extremes is 
also moving with some velocity relative to the viewer , and any light that the star emits 
will be correspondingly red or blue shifted. The sum total of each of all the shifts is a 
net broadening effect for every line in the star 's spectrum. 
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Chapter 3 

The Theory In Practice 

3.1 Methodology 

In an ideal world, there would be no need of a search for young stars. Any star that 
we could observe could be dated with complete accuracy and the analysis of stellar and 
planetary evolution would be a far more tractable problem than it currently is. For as it 
stands now, only a handful of post-T Tauri (i. e. those with ages between 10 and 100 Myr) 
stars have been cataloged. Finding these stars in the first place is as much a scientific 
challenge as trying to fully understand where and how stars and planets are formed using 
a woefully incomplete data set. With each discovery of a previously unknown stage in 
the evolution of PMS stars, such as the differentiation between "naked" T Tauri stars and 
classical T Tauri stars, all the old theories must be revised to take that development into 
account. As a result , progress in the theoretical field is strongly dependent on the new 
breakthroughs in the observational field. 

The observer is then left with a somewhat daunting task. Advancement must always 
be made toward the ideal of a comprehensive set of fool-proof criteria for determining 
the age of a star. This means the development of additional spectroscopic indicators of 
youth, such as the surface-gravity-based method described in the previous section, as well 
as determining places in the galaxy where young stars are more likely to be located. For 
even if a perfect technique for measuring a star's age existed, it would be useless without 
stars upon which to use it. Even knowledge of the locations of main star-forming regions 
is insufficient in this regard, as the reason that post T-Tauri stars are so interesting in 
the first place is that they are found far from such regions. The problem boils down to 
this: how does one best search for young stars? 

The method that has been adopted by many [8, 17] is to take a sample of as many stars 
as possible and systematically eliminate every object that is certainly not a young star. 
The remaining objects can then be scrutinized more closely for characteristics indicative 
of youth. If any of the stars do not exhibit the signs typical of the pre-main-sequence, 
they can be set aside, though they should not be overlooked altogether. The stars that 
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do present one of more of the current set of youth criteria (large lithium abundance, 
high x-ray luminosity, position on an HR diagram) form the set of objects that can be 
considered "young." 

Once we know that a set of young stars exists, then what? Essentially, the goal is 
to look for other important characteristics of these stars that we have independently 
determined are young. Some of these characteristics can help us learn how stars and 
planets evolve. For example, the presence and status of a circumstellar disk around a 
young star whose age we know can help theorists who wish to understand and model how 
planets form. Other properties can be more useful for observers trying to locate more 
stars of the same type. A good example of such a property is whether or not a given star 
or group of stars are part of a greater association of young stars. Membership in this 
kind of association is largely determined by proper motion and (u, v, w) space velocity 
[19, 18]. Finding associations is very helpful for observers because it allows them to find 
other members of the association by looking for objects with similar velocities. In this 
way, the search for young stars can create a kind of feedback loop: the more young stars 
we find, the more we know about them and the easier it will be to find more in the future. 

The theory developed in the previous section has a simple purpose: provide the 
basis for another method for determining the age of stars. It does not attempt to make 
any grander statements about where young stars can be found or how they evolve; it 
exploits an already known fact about protostellar collapse. As stars move toward the 
main sequence, their surface gravity increases. The question that remains is how to 
measure the surface gravity without being able to resolve a star well enough to physically 
determine its radius and without an accurate estimate of the star's mass. Although it is 
possible to astrometrically measure these values, and thus the surface gravity of a limited 
number of stars as a check on theoretical calculations, for the vast majority this simply 
is not an option [6]. 

If our criterion is spectroscopic, we must determine a star's surface gravity from its 
spectrum. The advances in synthesizing stellar atmospheres make it possible to determine 
stellar parameters through the fitting of model spectra to actual measured spectra, such 
as in the work of Mohanty et al. [13]. Given a set of stellar parameters, such as effective 
temperature, surface gravity, and rotational velocity, it is possible to compute, to an 
arbitrarily high resolution, a synthetic spectrum of that star. The models account for all 
of the aforementioned variables involved in calculating the shape of the wings of a line 
that has been broadened by the surface pressure of the star. Then if the theory is correct, 
finding the model, whose surface gravity is known, that best fits the data will tell us the 
value of the surface gravity for that particular star. Furthermore, the fitting technique 
will also give us values for any of the other parameters that went into the computation 
of the model. 
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3.2 The Stars 

Before any comparison to the models can be made, we must first have real stellar 
spectra. We have chosen a set of candidate young stars that we believe require further 
study. The stars were chosen in a method similar to that of Gregorio-Hetem [8]. Namely, 
begin with a large set of stars, such as are available in the ROSAT All-Sky Survey and 
the Hipparcos or Tycho catalogs. These stars are then accepted or rejected as candidates 
based on our young star criteria. Specifically, we selected stars from the Tycho-2 catalog 
that were bright x-ray sources, had B - V colors consistent with spectral type GO or 
later, and had proper motions similar to that of four Hipparcos stars that were known 
to be young. There are approximately 130 of these stars on our candidate list, and each 
one of them can be analyzed in depth for other signs of youth. See Jensen et al. for more 
details [11]. We will remain focused on surface gravity. 

In order to make the comparison between these data files and the models, we must 
first get them both into the same form. The spectra were all taken on the CTIO 4-meter 
in Chile, on April 11-13, 2003. Each spectrum spans the optical wavelengths from 4900 
A to 8200 A with a resolution of 0.14 A . This larger interval is broken up into 46 smaller, 
overlapping intervals called apertures, each of which covers 125 A. Each of these apertures 
contains significant distortion from the spectrograph itself. Photons are more likely to 
fall onto the center of the CCD chip and so the counts are much higher there. The result 
is a spectrum with a shape characteristic of Figure 3.1, called the blaze. 

The model spectra do not have this feature, so the data must be normalized so that 
the continuum is flat. The normalization was done using the IRAF task continuum. 
This allows each aperture to be normalized to a different function that can be adapted 
to the particular shape of the blaze over each interval. The normalization procedure is 
important. There is a definite opportunity for the loss of information, particularly in 
the parts of the spectrum with which are the most concerned: the gravity broadened 
wings of spectral lines. The dotted line in Figure 3.1 represents the normalization curve 
generated by IRAF (in this case a 9th order cubic spline) , the goodness of which can 
only be judged by eye. If the path that the curve takes across the top of the two sodium 
lines is slightly off from the actual path, then the shape of the normalized lines will 
be slightly different from their real shape. The obscuration of the exact shape of the 
wings particularly problematic when the information we seek is contained in the slight 
variations in their form. 

For every spectrum that required normalization, we inspected each aperture's curve
fit individually, paying particular attention to the areas around pressure-sensitive lines. 
In the end, the result is somewhat arbitrary. As can be seen in the figure, the placement 
of the dotted line is essentially a judgment call on how much of the area beneath the 
two sodium lines constitutes actual absorption and how much is a product of the blaze's 
upward slope. In some cases, the overlap of the apertures allowed us to test the difference 
between two normalization fits by comparing the same line normalized by two different 
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Figure 3.1: The raw data spectrum of TYC 8142 22911. The characteristic blaze is quite 
visible. The dotted line is the spline-based fit that is used to normalize the spectrum to 
a fiat continuum. The two strong lines are the N a I D pair. It is essential to preserve the 
shape of these gravity-sensitive lines during the normalization process. Any point that is 
marked with a diamond has been determined by IRAF to be an absorption feature and 
is not included when performing the fit. 

functions. The two sets of lines produced identical results when compared to the models, 
but it remains a possible source of error nonetheless. 

We have attempted to minimize the amount of error caused by the normalization. By 
normalizing both the stellar spectra and the model spectra so that the continuum averages 
are exactly one effectively removes any differences in scale. It does not , however, ensure 
that both of the spectra will be fiat. It is a fairly safe assumption that the computer 
generated models will be fiat, but as Figure 3.1 demonstrates, the stellar spectra are 
not. Even after the spline normalization in IRAF, which cannot generate a perfect fit to 
an arbitrary blaze function , there is still the possibility that the spectra are not fiat. It 
is then not sufficient to simply set the average continuum fiux to be one, we must also 
straighten the entire spectrum so that the continuum is a straight line. 

We achieve fiat ness by defining an overall continuum region in the spectral line. Fig
ure 3.1 indicates the small ("-' 1 A ) window of continuum for the purpose of finding the 
amount of fiux that we receive in an area away from any spectral lines. The average fiux 
over the continuum is used as discussed above, but we can obtain more information from 
this region. The standard deviation of the continuum fiux describes the amount of noise 
in the spectrum. In an ideal spectrum, the continuum would be perfectly fiat and the 
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standard deviation of the continuum flux would be zero. Because we do not have ideal 
spectra, there is some noise present in the continuum. If we want to treat the continuum 
as flat, we must treat this noise as indistinguishable from flat. The overall continuum 
region, then, is any part of the spectrum with flux that is close enough to the continuum 
that it falls within a multiple of the standard deviation from the average. This means 
anything that is impossible to tell apart from the continuum because of the noise level is 
considered part of the continuum. It is this overall continuum region that we would like 
to flatten. We achieve this by fitting a third order polynomial to the overall continuum 
region and dividing the whole spectral line region by that polynomial. The normalization 
scheme is shown in Figure 3.2 
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Figure 3.2: Normalization of a K I line. The black line is the original, pre-normalization 
line, and highlighted in blue is the overall continuum region. The actual, predefined 
continuum window is highlighted in red. The fit is shown as a black line, with the 
normalized spectral line below in green. 

Beyond normalization, a second difference between the data spectra and the model 
spectra that had to be accounted for was the Doppler shift. The synthetic stars have zero 
radial velocity and thus all the lines appear at their rest wavelengths. The data, on the 
other hand, requires correction for stellar motion toward or away from Earth. The IRAF 
task xcsao is able to cross-correlate two spectra to determine the difference in radial 
velocity, and we employed it on the data, using the models as reference spectra. From 
this, the task dopcor makes the appropriate velocity shift to the spectra themselves. The 
data are then ready to be compared to the models. 
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3.3 The Models 

Our synthetic spectra were generated by Peter Hauschildt's Phoenix program. The 
models are generated under the assumptions of plane-parallel geometry, hydrostatic and 
local thermodynamic equilibrium to calculate line opacities as a function of optical depth. 
More information is available in [9]. The models were delivered to us simply as columns: 
one for wavelength, one for flux. We made a preliminary normalization to these columns 
by dividing each flux value by that of a blackbody at that temperature and wavelength. 
The temperatures of the models ranged from 3600 K to 6000 K in steps of 200 K, while 
the value of log 9 ranged from 1.0 to 4.5 in steps of 0.5 (g is measured in cgs units 
throughout) . 

The original step sizes were not entirely adequate for comparison to real stars. First 
of all , we required finer delineation of log g. Following the method of Mohanty et al. [13], 
we interpolated adjacent models to obtain steps of 0.25 dex. Furthermore, we needed to 
take into account another line broadening mechanism that is present in real stars but not 
in models: rotational velocity. 

Unlike surface gravity, rotational velocity affects all spectral lines equally. As a star 
rotates faster , lines become much broader and shallower. It is also difficult to measure 
by itself, since the component that affects the light we see is a function of the star's 
inclination angle, i. The rotational velocity, for the purposes of spectroscopic analysis, is 
described as the parameter v sin i. The IRAF script rotbroad is able to artificially rota
tionally broaden any input spectrum, and this was used to create rotationally broadened 
versions of all of our original models. The lowest velocity is zero km/s and we chose to 
maximize this value at 80 km/s, with steps of 5 km/s between them. 

End result of the process is a three-dimensional grid of models, where each axis is 
one of the three parameters Tej j, log g, or v sin i. Each point on this grid is a model that 
can be compared to a stellar spectrum, given a little more normalization. 

Normalization is a thorny issue, yet it is absolutely essential that the models and the 
data have exactly the same scale. The comparison will not work otherwise. Even if the 
continuum of the data spectrum has been normalized to unity and the models only been 
normalized to a blackbody, the two sets of spectra will not have exactly the same scale. 
The models are not necessarily flat, so deviations from a blackbody are still present, 
and we must fine-tune them a bit more. The two continua, in most cases, are not the 
same. In order to correctly normalize both spectra to the same scale, we must find a flat 
region that we will define to be the continuum. Both spectra will then be divided by the 
average flux over that interval. As an example, a Ca I line is shown in Figure 3.3. Every 
comparison region must contain a continuum interval. 

The comparison regions themselves are centered around spectral lines that are sensi
tive to temperature and/or gravity. The selection of the wavelength interval upon which 
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Figure 3.3: Pictured here is the gravity sensitive Ca I line at 6162 A. The left image is 
the model spectrum, the right is real data. It can be seen from the location of unity on 
the graphs that the two spectra are not on exactly the same scale. The continuum region, 
between 6164.5 A and 6156.0 A is bracketed in red. The average value of flux over this 
region is used to normalize the spectra. 

the comparison will be performed cannot be done haphazardly. As we have just said, 
the region must contain an area of continuum as well as an entire spectral line, which 
are in some cases quite broad. The amount of continuum in the region, however, does 
not matter. Our model fitting procedure (to be discussed in greater detail later) does 
not consider points close to the continuum in its comparison. The reason that we do not 
is that the normalization method described above is essentially a continuum fit . Once 
we have normalized the two spectra with respect to the continuum, we have extracted 
all the information we can from it, so fitting the continuum again would be redundant 
and distract from the real purpose of the fit , which is to determine the shape of the line. 
Thus, the wavelength intervals used for comparison will be closely surrounding the lines 
while still containing a region of continuum 0.5 to 1.0 A in width (typically a flat area 
between two lines). 

The lines that we originally selected for use in the comparison appear in Table 3.1. 
In the end, we only were forced to eliminate every line from our program except for the 
Na I D doublet. When we tested the program on spectral standards (described fully in 
Section 4.2) , the only line whose fits gave results consistent with the known temperature 
and gravity of the models was Na I D. It is possible that more time is needed to fully 
examine the reasons for the failure of the other lines , but the most probable reason is that 
there are too many pressure-insensitive lines in the same same regions as the pressure
sensitive lines, or the pressure dependence of the line is quite weak on its own. The only 
line used in the comparisons in the next chapter was the N a I D doublet. 
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Spectral Lines Used For Comparison 
Name of Line Wavelength (A) Primary Sensitivity 
Ca I 6162 Gravity 
Na I D 5887 Gravity and Temperature 
Mg I 5167 - 83 Gravity 
K I 7700 Gravity 
Fe 6200 Temperature 

Table 3.1: List of lines with approximate wavelength values, as well as the parameter to 
which they were most sensitive. 
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Chapter 4 

The Data 

4.1 The Method 

Given a series of model spectra, it should possible to find the one that best fits a 
data spectrum by a simple inspection. In practice when one has a set of over a thousand 
models whose differences are sometimes subtle, it is wise to choose an automatic method 
for comparison. We do so using a computer program that can compare the flux values 
at every point of each spectrum and tabulate the differences into a single number that 
characterizes goodness of the fit. 

The resolution of both the data and the model spectra is finite , so the comparison 
cannot be infinitely exact. This means our spectra consist of a series of wavelength bins, 
the size of which is determined by the resolution, over which the flux is constant. In 
order to compare the data spectra and the model spectra at each point (i. e. over each 
bin) , we must make sure that the two spectra have exactly the same bins. If they did 
not , we could not make any meaningful comparison of the two spectra, since each one 
would be defined on different sets of wavelength values. The solution to this problem is 
to define a new set of wavelength bins to be used for both spectra and interpolate the 
flux values of each of them so that they will match up to the new bins. 

Once the interpolation is completed, the spectra can be compared. The comparison 
is done by taking the root-mean-square of the difference between the flux values on each 
wavelength bin. We then normalize by the total number of bins. The result, a value we 
will call R, though it is essentially a X2 , is defined by 

R = L>.(F>.,data - F>.,model)2 

Nbins 
( 4.1.1) 

R will be large if the difference between the model and the data is large, and small if 
the difference is small. Because we are interested in finding good matches, we will seek 
to minimize R over the grid of models. Our computer program performs the comparison 
over each model in the grid (or a more limited range if good match parameters are already 
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known from prior runs) and assigns each point in three-dimensional parameter space an 
R for each of our comparison regions, as well as an average R overall. The point of 
minimum R provides the best match and therefore the most probable parameters of the 
star. 

From this program we obtain two things. The first is a three-dimensional grid of 
values for how well different parameters fit the data. We have opted to represent this 
information by taking three two-dimensional slices through the best-fit point, each one 
leaving one parameter constant (at the best value) and letting the others vary over the 
whole grid. This produces three contour plots centered around the minimum value of R. 
This allows analysis of how the fit changes with the parameters. 

The second piece of information we obtain is the actual best fit parameters. These 
tell us that a particular model matches the data better than any of the others. We can 
plot the best-fit models on top of the data to get a sense of how well it actually fits. To 
demonstrate these two sets of results, we will investigate plots and values the program 
returns when run on the spectra of stars with a known spectral type. 

4.2 Spectral Standards 

The purpose of running the program on stars whose parameters are already known 
is primarily for troubleshooting. Knowing the spectral type , we easily can see how accu
rately the models match the stellar data. If a G5 star is consistently being fit by a 4000 K 
model, something is wrong. We can also see how the accuracy of the results change under 
varying circumstances. Is it possible to fit noise-free models to low signal-to-noise stellar 
data? Do the fits remain accurate even for extremely cold stars? What variables are 
more easily constrained than others? All these questions can be answered with sufficient 
testing on stars whose approximate temperature, surface gravity, and rotational velocity 
have already been found through other means. 

The spectral standards were observed with the same instrumental setup as the rest of 
the data (see section 3.2), and therefore we encounter the same problems of normalization 
as we do for the data. The standards were normalized in IRAF, then the requisite 
apertures were separated out and analyzed using the program. The results are listed in 
Table 4.1. The most notable result is in the values for HD 188376 and HD 20630. Both 
of these stars are spectral type G5, but have differing luminosity classes. As we have 
discussed, luminosity class is a measure of the surface gravity, and we find that the two 
stars differ in log 9 by 0.25 dex, yet have the same temperature, as we would expect for 
two such stars. We will examine the results for HD188376 in greater detail. 

As we can see in Table 4.1 , HD188376 is best fit by a model spectrum with T efJ = 

5800 K, log 9 = 4.25, and v sin i = 10 km/s. The stellar spectrum and the model are 
plotted next to each other on the line used for comparison in Figure 4.1. While this fit 
certainly looks decent and gives us reason to believe the corresponding stellar parameters, 
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the figure t ells us nothing about how good the fit is in comparison to other possible fits. 
For that information, we need to examine the contour plots. 

Fitting Results from Spectral Standards 

Name of Star Spectral Type Temperature logg 
Values from Fit Result 

Tef f (K) logg v sin i (km/ s) 
HD 188376 G5IV 5770 4.3 5800 4.25 10 
HD 20630 G5V 5770 4.48 5800 4.50 10 
HD 188512 G8IV 5520 4.3 5600 4.50 10 
HD 10700 G8V 5520 4.48 5600 4.50 15 
HD 165341 KOV 5250 4.48 5200 4.25 10 
HD 13445 K1V 5080 4.48 5200 4.50 15 
HD 22049 K2V 4900 4.5 5200 4.50 10 
HD 131997 K4V 4590 4.53 4800 4.50 25 
HD 206860 GOV* 6030 4.38 6000 4.50 15 
HD 66141 K2II1 4900 2.13 5000 3.75 5 

Table 4.1: Summary of results for fitting model spectra to spectral standards. All fits 
were made using the N a I D line only. This table gives a rough idea of the uncertainties 
involved in calculating stellar parameters. Compare the approximate t emperature for 
the known spectral type to the one determined by the program and we find (JT is on the 
order of ± lOOK for G type stars and ± 200K for K type stars. For gravity, (J 9 is ± 0.25 
dex. The stars marked with * are not being used as spectral standards, but as rotational 
velocity standards. The star marked * has v sin i = 11 km/ s, so (Jv is about ± 5 km/ s. 
Conversion from spectral type to effective t emperature is from Lang [12]. Luminosity 
classes were converted to surface gravities using Lang and tracks from Baraffe et al. 
[12, 1]. 

The goodness of each model's fit is characterized by the value of R (see equation 4.1.1). 
If we plot these R values in a three-dimensional parameter space, where t emperature, 
surface gravity, and rotational velocity are the axes, we obtain a grid. The minimum value 
of the grid represents the best fit model, and we can create two-dimensional contour 
plots by taking constant-parameter slices through this minimum point . The plots for 
HD 188376 are shown in Figure 4.2. The contour levels are determined by the standard 
deviation squared of the mean value of the particular line over the continuum. We choose 
the square of the standard deviation because R has units of flux squared . The standard 
deviation of the flux over the continuum corresponds to the amount of noise in the blue 
continuum region of Figure 4.1. The contour levels are then set by the average amount 
of uncertainty in the spectrum itself, so each contour is roughly one standard deviation 
interval. So, for example, any points that fall within the innermost contour in Figure 
4.2 are within one standard deviation from the mean, and any points that fall within 
the contour immediately surrounding the innermost are within two standard deviations. 
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Defining the contour levels in this way means that the size of a contour region is related 
to how uncertain the best-fit value is. 

Applications of contour-uncertainty relationship are immediate. An interesting effect 
is at work in the middle plot of Figure 4.2. Here, the best fit value for v sin i is 10 km/s. 
The uncertainty for values below the best fit is low because the contours are narrow. 
Simply by counting the number of contours , we can see that v sin i = 0 km/s is seven 
standard deviations away from the best fit. However, v sin i = 20 km/s is only about 
three standard deviations away. The same effect is repeated in the bottom plot. 

These calculations lead us to conclude that HD188376 has Teff = 5800 K ± 200 K, 
log g = 4.25 ± .25 dex, and v sin i = 10 km/s ± 5 km/s. This result is in agreement with 
the known values of a G5IV type star. 

The star HD66141 is not a spectral standard, but a radial velocity standard. Its 
spectral type has nonetheless been well documented, such as by Roman [14]. This giant 
has approximate effective temperature 4900 K and log g = 2.13. The contour plot of 
effective temperature vs. log g is shown in Figure 4.3. The temperature agrees with the 
known value, but the gravity is off by a factor of 1.5 dex. 

The above describes the general method by which we derived values for the stars we 
observed. Those results are presented in the next section. 

4.3 Stellar Data 

4.3.1 Results 

The results of our program are simple. Each stellar spectrum is paired with a best 
fit model whose three parameters, effective temperature, surface gravity, and rotational 
velocity, are assumed to correspond to the parameters of the star. Whether or not the 
parameters of the model truly match the star can be best evaluated by a visual inspection 
of the stellar spectrum and best-fit model spectrum, as in Figure 4.1. If we decide the 
fit is good, then the uncertainty on the values of each of the parameters is measured by 
looking at the contour slices of the grid of R values (see equation 4.1.1 and Figure 4.2). 
Our goal being to locate pre-main-sequence stars, we have organized the results into two 
tables. Stars that we found to have surface gravity below 4.5, which is roughly that of 
the main sequence for G and K stars, are presented in Table 4.2, while those with main 
sequence surface gravity are presented in Table 4.3. 

The lithium line at 6708 A is another of the spectroscopic indicators of youth briefly 
mentioned in Chapter 1. We reintroduce it here as a check on our results. The presence 
of a strong lithium absorption line at this wavelength does not guarantee that a star 
is young, and likewise its absence does not guarantee the star has reached the main 
sequence, but Jensen [10] and others report that it is nonetheless a good indicator of 
youth. There is not a simple correlation between Li 6708 equivalent width and youth, 
since both the temperature and the rotational velocity are thought to affect the rate at 
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Figure 4.1: The Na I D lines for HD 188376, a G5IV spectral standard. The stellar 
spectrum is in black and the model spectrum is in green. The blue highlighted region is 
what we marked as the continuum and was not included in the fitting procedure. The 
parameters of the model spectrum are Teff = 5800 K, log 9 = 4.25, and v sin i = 10 km/ s. 
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Figure 4.2: Three constant-parameter contour slices for the Na I D lines of HD 188376, 
a G5IV spectral standard. The lowest level contour is in white, while the highest levels 
are in black, meaning the best-fit point lies within the white contour. It is evident that 
temperature and rotational velocity are constrained far more tightly than surface gravity. 
While a true minimum exists at log 9 = 4.25, the innermost contour in the varying gravity 
slices shows that we can still produce good fits if the gravity varies by as much as .25 dex 
if the temperature is varied systematically. 
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Figure 4.3: Temperature vs . gravity contours for HD 66141. The most difficult of any 
two parameters to constrain with respect to one another are effective temperature and 
surface gravity. The problem is exemplified in this plot, which indicates that not only 
is the gravity able to vary over a wide range, the t emperature is as well. As with every 
star , there is only one best-fit model, but it is possible to other fits to within uncertainty 
by changing both the temperature and gravity. Pictured is a particularly bad case of 
degeneracy; for most stars , the temperature is relatively well constrained by the gravity 
varies by a large amount . Here, both quantities vary. 
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which a star depletes its lithium, but it is a fairly reliable check on our data. If the 
lithium line appears roughly as strong as or stronger than the nearby calcium line at 
6717 A we list it as present. 

Best-fit values for young star candidates: non-main-sequence surface gravity 
Name Teff (K) logg v sin i (km/s) Li 6708 A 
TYC 7632 629 1 4600 2.5 20 Not present 
TYC 8142 2291 1 5200 4.0 35 ± 15 Present 
TYC 7614 1074 1 5200 4.25 20 Present 
TYC 7637 2111 1 5200 4.25 15 Present 
TYC 8118 871 1 5400 4.25 20 Present 
TYC 8590 1193 1 5400 4.25 15 Present 
HIP 33111 5600 4.25 70 ± 20 Present 
TYC 8142 1112 1 5600 4.25 25 Present 
HIP 26401 A 5600 4.25 10 Present 
TYC 8954 901 1 5800 4.25 20 Present 
HIP 86455 5800 4.25 20 Present 

Table 4.2: Best-fit model parameters for stars with surface gravity indicative of youth. 
The table is arranged according to surface gravity, and then sorted by temperature. 
Individual stars of interest are discussed in the text. The uncertainties are log g ± 0.5 
dex, Teff ± 200 K, v sin i ± 5 km/s, unless otherwise noted. Presence or absence of Li 
6708 is based on is strength relative to Ca 6717. 

One interesting discovery is the star TYC 7632 629 1, which has neither pre-main
sequence nor main-sequence surface gravity. The contour plots are shown in Figure 4.4. 
The actual best-fit spectrum, shown in Figure 4.5, is a good match for the star, so it is 
not likely this low value for the surface gravity is the result of a poor fit. This star is very 
likely a cool giant that we observed accidentally. The Li 6708 line completely absent, 
as shown in the spectral window in Figure 4.5. The star is devoid of lithium, so it is 
probably not young, but its surface gravity is far too low to be a main-sequence star, so 
we assume it is a giant. 

Most of the stars in Table 4.2 are fit by models with log g = 4.25 and Teff between 5000 
K and 6000 K. In nearly every such case, the dependence of temperature on gravity was 
identical, as show in figure 4.6. The gravity is not well-constrained, but the temperature 
value is fairly well confined to its range. Figure 4.7 constrains this by showing the 
very well constrained values of Tef f and v sin i. Furthermore, the circular (or elliptical, 
depending on the scale) contours imply that Tef f and v sin i are not strongly related to 
each other. The slanted contours in the Tef f vs. log g plots imply that temperature an 
gravity are related. At a constant temperature, the gravity is constrained fairly strongly 
to be a certain value. In order to change the gravity and still maintain a good fit, the 
temperature must change as well. We do not know the exact nature of this temperature-
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Figure 4.4: Contour plots for the star TYC 7632 629 1. The best fit parameter for log g 

is 2.5. The innermost gravity contour in the top plot extends from about 1.5 to 3.5, so 
the uncertainty is large due to the degeneracy of T with g, but there is little possibility 
of log g being above 4.0. 
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Figure 4.5: Above: best-fit model plotted over the spectrum of TYC 7632 629 1. The 
stellar spectrum is in black, the best fit model is green, and the continuum region is blue. 
Below: the lithium line at 670sA is missing from this star. 
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gravity relationship, but it implies that if we obtained an independent measurement of 
the temperature of the stars which exhibit contours as in Figure 4.7, there would be less 
uncertainty in our measurements of the surface gravity. 

Rotational velocity has still not been completely addressed. We can see from the sizes 
of the innermost contours in Figures 4.2 and 4.4 that v sin i is the most well constrained 
parameter of the three we are investigating. We are very likely observing this trend 
because rotational broadening affects all lines equally, so a fit can become poor on every 
one of its lines as v sin i increases, rather than just on one or two if the temperature or 
gravity changes too much. 

One star that presents a quality unique among the observed stars is TYC 7086 425 
1. The rotational velocity of this star was best fit at 60 km/s, far above most of the 
other stars. Figures 4.8 and 4.9 show that the primary effect of rapid rotation is not 
to drastically alter the dependencies of any of the three parameters on one another or 
to worsen the quality of the fit , it is to dramatically increase the uncertainty on v sin i 
itself. This does not mean that the accuracy of the fit has decreased overall, only that the 
difference between a star with v sin i = 70 km/s is not as different from a star spinning 
at 40 km/s as a star with v sin i = 20 km/s is from a star spinning at 10 km/s. The 
problem is not unique to rotational velocity; it applies to any mechanism that broadens 
lines: the broader a line gets, the less distinct it becomes from the continuum. 

We turn now to the stars that were determined by the program to have log 9 = 4.5 
as a best fit. These are listed in Table 4.3. The first noticeable feature of these stars is 
that they follow exactly the same contour trends as the stars with log 9 = 4.25. Four 
representative stars are plotted in Figure 4.10. The similarity implies that that log 9 = 
4.25 cannot be ruled out for even these stars that have a best fit of log 9 = 4.5, meaning 
we have not constrained gravity enough to differentiate between young stars and main
sequence stars. Despite this, there is one interesting trend we noticed with respect to 
the Li 6708 line. All the stars that the program determined to have pre-main-sequence 
surface gravity display a strong lithium line, while the stars that we determined to have 
main-sequence surface gravity systematically lack the line far more often. Examples of 
the Ii thi urn line from the log 9 = 4.5 stars are shown in Figure 4.11. 
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Figure 4.6: Temperature vs. gravity contours for four stars with possible pre-main
sequence surface gravity. Clockwise from top left: HIP 26401, TYC 8142 2291 1, TYC 
8590 1193 1, and TYC 8954 9011. The dependence between the two variables is virtually 
identical, and is completely typical for all stars matching these results. 
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Figure 4.7: Temperature vs. rotational velocity for four stars with possible main-sequence 
surface gravity. Clockwise from top left: HIP 26401, TYC 7614 1074 1, TYC 8590 1193 
1, and TYC 8954 901 1. As a contrast to Figure 4.6, we can see that both temperature 
and rotational velocity are confined to a small set of values. 
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Figure 4.8: Contour plots for the rapid rotator TYC 7086 425 1. The effect of large 
rotational velocity can be seen in the bottom two plots especially, where the innermost 
contour spans a very large range of velocities. Contrast this with the T eJ J vs. v sin i plots 
in Figure 4.7. 
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Figure 4.9: Above: best fit model plotted over the spectrum of TYC 7086 425 1. The 
two Na I D lines have been substantially broadened by the rotation of the star , but the 
models can take this into account and still produce a good fit of the spectrum. Below: 
Li 6708 A is present and stronger than Ca 6717. 
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Figure 4.10: Temperature vs. surface gravity for four stars with possible main-sequence 
surface gravity. Clockwise from top left: TYC 8550 1650 1, TYC 9200 446 1, HD 171391, 
and TYC 8586 966 1. Compare to Figure 4.6 and note the same dependency relation 
between log 9 and TeJ J . 
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Figure 4.11 : Li 6708 and Ca 6717 lines for the stars from Figure 4.10. The top two stars 
show strong lithium absorption, a feature shared by all the log 9 = 4.25 stars. The bottom 
two stars show weak lithium absorption , implying they are not young. The systematic 
trend toward weak lithium lines in log 9 = 4.5 stars is a key difference between those and 
the log 9 = 4.25 stars , despite the similarity of the contours. 
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Best-fit values for young star candidates: main-sequence surface gravity 
Name Teff(K) logg v sin i (km/ s) Li 6708 A 
TYC 8550 1650 1 5200 4.5 15 Present 
HIP 26401 B 5200 4.5 10 Present 
TYC 8594 1049 1 5400 4.5 30 ± 10 Present 
TYC 7617 549 1 5400 4.5 15 Present 
HD 171391 5400 4.5 5 Not present 
TYC 8584 2682 1 5600 4.5 20 Present 
HIP 47625 W 5800 4.5 10 Not present 
TYC 7086 425 1 5800 4.5 60 ± 25 Present 
HIP 79578 5800 4.5 10 Not present 
TYC 9200 446 1 5800 4.5 15 Present 
TYC 8587 1015 1 5800 4.5 45 ± 15 Present 
TYC 8595 993 1 5800 4.5 15 Present 
TYC 7638 2122 1 5800 4.5 15 Not present 
TYC 8586 966 1 5800 4.5 30 ± 10 Not present 
HIP 47625 E 6000 4.5 10 Not present 
TYC 8170 1038 1 6000 4.5 15 Present 
HIP 48770 6000 4.5 30 ± 10 Present 

Table 4.3: Best-fit model paramet ers for stars with surface gravity suggestive of the main 
sequence. The uncertainties are log 9 ± 0.5 dex, Teff ± 200 K, v sin i ± 5 km/ s, unless 
otherwise noted. 

4.3.2 Conclusions 

As we have stated before, there is no perfect diagnostic for young stars. We have 
seen that surface gravity is no exception. In theory, surface gravity removes the difficulty 
of measuring stellar luminosities from the task of placing stars on an HR diagram to 
determine their age. As fate would have it , measurement of surface gravity is itself not 
free of complications. 

Pressure effects on spectral lines are intrinsically weaker than temperature effects. 
The result is that a relatively small change in t emperature will produce a change in 
the spectrum equivalent to a relatively large change in surface gravity. The weakness 
of pressure's effect on spectral lines must take some responsibility for the dependence of 
gravity and temperature as seen in Figures 4.6 and 4.10. Whereas v sin i and Teff do not 
depend very strongly on one another and thus are somewhat well constrained to values 
close to the best fit , log 9 and Teff are consistently variable, allowing good fits over a 
wide range of values. As a result, the surface gravity is difficult to localize to a single 
value as long as Tef f is allowed to vary. Our method, as such, needs revision. 

We appear to have some promising leads with the correlation between lithium absorp
tion and stars with pre-main-sequence best-fit models. However , this trend would require 
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the examination of many more stars. Furthermore, even if the trend in our current data 
extends to more, the best that we can assert is that if the best-fit model has log 9 = 4.25, 
then the star is probably young. The relation does not hold in reverse, as the program 
also labeled several stars with strong lithium lines as having log 9 = 4.5. We are also 
glossing over the fact that lithium itself is not a sure-fire indicator of youth, it is only 
one factor in a multifaceted approach to finding young stars. 

In the end, that too is what our program must become. By itself, our program is 
insufficient to determine if the surface gravity of stars is indicative of youth. It does, 
however, place serious constraints onto three essential parameters of stellar classification. 
In combination with tests to further constrain Tef f , or as part of some other analysis 
that requires at least an estimate of log 9 , our program would become a much more 
powerful tool. 

There is another improvement that would greatly augment the program's capability 
to constrain stellar parameters. All of the lines that we tested for gravitational sensitivity, 
except for the sodium doublet, were not giving adequate results. The lack of workable is 
largely an issue with the particular set of data under analysis. Much of the work that has 
been done to classify young stars with this technique, such as that of Mohanty et al. [13], 
employed lines that were outside our range of 4000 A - 8000 A . In order to improve the 
capabilities of the program, more lines should be investigated for their ability to constrain 
Teff and log 9 . 

The final result of our research has not been the discovery of new post-T Tauri stars, 
but the investigation of an technique to measure specific parameters that indicate youth. 
Alone, it is difficult to overcome the intrinsic degeneracy of temperature and gravity in 
the broadening of spectral lines. As a component in a large strategy for the classification 
of protostars, it is possible that our program's analyses will contribute to the greater 
whole. 

In conclusion, I would like to thank my advisor, Eric Jensen, for his understanding, 
patience, and invaluable direction on this project. I also wish to acknowledge Professor 
David Cohen for his illuminating comments and conversations about this thesis. Lastly, 
I must recognize Katie Schlesinger, Nate Shupe, and Lauren Willis, who made life in the 
astro-lab worth living. 
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